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Abstract. Given the limited space in this contribution, it is not possible to go into the details of the exciting
astrophysical topic of stellar evolution and nucleosynthesis. It is attempted to emphasize the basics of this
basic concept of the hydrostatic evolution of stars as they are driven by the interplay between gravity and
nuclear energy generation, which is expressed by the virial theorem. In the case of massive stars roughly
above 8M�, the breakdown of the hydrostatic evolution, due to the lack of nuclear energy generation,
leads to gravitational collapse followed either by a successful supernova explosion, leaving a neutron star
behind, or by a black hole, which is the ultimate end stage. The stars of masses in the lower mass range
end their evolution as white dwarfs. The nucleosynthesis process in stars is a complex task. Most of the
elements and their isotopes, especially the heavy elements, are produced in an explosive environment, or
in the late stages of the asymptotic giant branch stars. The present paper will concentrate mainly on the
evolutionary aspects, due to the to limited space given here.

1 Introduction

Stars are physical systems in which the four natural forces are coordinated. Their formation and evolution are complex,
but they are described by fundamental physical laws. This is evidence that physical laws are universal. The existence
of stars may reveal how human beings may consider themselves connected to the cosmos, simply because the elements
in our bodies are synthesized in stars of many generations. Think about the DNA based on the carbon and nitrogen
made in stars, and the hydrogen produced in the early Universe. Stars are always in interaction with their surroundings
through their radiation, mass loss and ejection of enriched matter by supernova explosion, neutron star mergers, or
though planetary nebulae formation. The understanding of star formation and evolution is only possible by comparing
theoretical descriptions with observations, and this was made possible after the development of digital computers,
which became faster in the course of time. The understanding of the internal structure of stars is accomplished by
applying the basic stellar structure equation, which is briefly discussed in this paper. Before doing that, it is useful to
show the basic characteristics of stars in a Hertzsprung-Russell diagram (HRD) (see fig. 1). This figure shows that:

i) Stars are divided into four groups: main sequence (MS), red giants (RG), supergiants (SG) and white dwarfs (WD).
This division is fundamental and is linked to the evolutionary status of the stars.

ii) The masses increase along the MS, while the lifetimes decrease, meaning that the higher the mass the shorter the
lifetime, since the luminosity (L) (or power) increases significantly with mass, like L ∝ M3.5 on the MS, where L
is in solar units.

iii) The WDs are end evolutionary stages of low and intermediate-mass stars (IMS) in the mass range (1–8)M�, which
evolve beyond the RG stage through the asymptotic giant branch (AGB) stage, where they suffer thermal pulsations
leading finally to heavy mass loss to become WDs. Higher masses cannot be shown in the HRD, because they
undergo supernovae explosions and end up either as neutron stars or black holes. There is a clear relation between
the spectral types of the star and its effective temperature (blackbody temperature). The spectral classification
represents a temperature sequence, O-stars are hot and blue, while M -star are cool and red. Only with the help of
the knowledge in modern physics, astronomer were able to understand the basis of these characteristics of stars.

� Focus Point on “Modern Astronomy: Selected Issues in Nuclear and High Energy Astrophysics” edited by S. Palmerini, O.
Trippella.
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Fig. 1. Theoretical Hertzsprung Russell diagram showing how stars are divided into groups with their characteristics, see text.

It is interesting to consider the evolution of stars in the central temperature-density plane (Tc-ρc) as shown in
fig. 2. Several comments can be made based on this figure.
a) The low-mass stars (LMS) and intermediate-mass stars (IMS) in the mass range (1–8)M� are the progenitor

of the WDs as mentioned above. A subgroup in this mass range consists of stars up to masses of about 2.2M�,
which evolve through the remarkable phase of the He-flash as seen in fig. 2(a). These stars are called (LMS).
The helium-flash is a secular instability leading to thermal runaway. The reason for this is that each contraction
brings the inner region of the star closer to the condition of electron degeneracy. After core hydrogen burning,
the LMS stars develop cores in which the electron are degenerate due to he high density. Consequently, there
is a common evolution of the central values indicated in fig. 2, implying that the cores have similar masses and
their structure is nearly independent of the details of the star’s envelope. This is a remarkable effect of the
electron degeneracy achieved in these cores. The formation of a degenerate core does not imply that the star
has reached the end stage of its evolution. This is because the hydrogen shell source continues to increase the
mass of the core to a certain limit where the next burning phase occurs but now under degenerate conditions.
This marks the onset of the helium flash in the LMS when the core mass exceeds about 0.45M�. The results
shown in fig. 2(a) were discussed in [1]. Later calculation can be found in [2]. It is emphasized that despite of
its violence, the helium flash does not disrupt the star, because the enormous energy released is absorbed by
the expansion of the layers above the core. Observationally this is indicated by the existence of the well known
horizontal branch stars.

b) The IMS which avoid the phase of He-flash, develop degenerate C-O cores of masses up to about 1.08M�
(see [3] for a review). The central evolution of these cores after He-burning occurs (see the trajectory of a 7M�
star in fig. 2(a), in a region where the neutrino energy losses become efficient to cool the inner core (see recent
calculations in [4]). Their further evolution is characterized by a possible bifurcation either to the WD stage,
or toward the phase of a carbon flash. The branching depends on whether the core mass Mcore can increase
to reach the so called Chandrasekhar limit, Mch = 1.3M� or higher (see [3]). An essential point here is that
the envelope mass of the star should be massive enough, so that the core can grow by shell burning to reach
Mch. The other possibility is that in a binary system the evolved star may accrete enough mass for its core
to reach Mch. The outcome would be representing carbon flash as canonical model for type Ia supernovae.
This discussion shows that a basic feature of the late evolution of IMS (M ≈ (2.2–8)M�) is the competition
between the decrease of the star’s mass by mass loss and the increase of the degenerate C-O core toward the
Chandrasekhar limit.

c) Stars with masses 13M� and above can be considered as typical massive stars. After core carbon burning they
ignite central neon-burning followed by oxygen and silicon-burning phases (see trajectory of a 25M� star in
fig. 2(b). After silicon-burning, these stars form cores of masses close to the Chandrasekehar limit consisting of
iron-group nuclei. The ensuing evolution is characterized by the gravitational collapse of the iron core, where
thermonuclear reactions are no more possible. At the onset of the collapse the central temperature and density
are Tc = 1010 K and ρc = 1010 gcm−3. If the collapse phase leads to a successful type-II supernova, then a
neutron star will be formed, otherwise a stellar-mass black hole will be the ultimate fate.

d) Another region in fig. 2(b) is that of pair creation instability. Very massive stars in a mass range of excess of
roughly 140M� can evolve into such a region. A generation of such stars is distinct and termed pop III stars.
They may have been formed (see [5]) as precalactic stars. It took relatively long time for the first stars to form
in the universe. This may have occurred after the end of the dark age, or about 400 million years after the
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Fig. 2. Evolution of the central temperature Tc (in K) and central density ρc in (cm−3) of the stars with the indicated
masses in solar units. Ignition lines of relevant burning phases are defined by equating the neutrino losses to the nuclear
energy generation rate. The dash-dotted lines divide the nondegenerate region from the degenerate region characterized by the
degeneracy parameter εf = μ/kT. See text for details.

recombination epoch (about 380000 years after the Big Bang). These stars were likely very massive owing to
the absence of heavy elements in the early molecular clouds where effective cooling and fragmentation were
inhibited (see [5]). The basic mechanism of this instability is (see [6–8]) that the very massive stars develop
massive C/O cores, which evolve toward the region of e−e+ pair creation by the intense radiation field (see
fig. 2(b). The creation of the new particles decreases the radiation pressure, while the new particles do not add
immediately their contribution to the pressure. At high density the adiabatic index Γ exceeds 4/3, because
the electrons become degenerate, while at high temperatures the electrons and positrons become relativistic,
so that the energy gap for the pair creations becomes unimportant. The net effect is that a bounded region
in which Γ drops below 4/3. The collapsing core undergo explosive oxygen burning leading to a brilliant pair
creation supernova (PCSN) releasing about 1052 erg.

A new insight concerning these peculiar events came through the observation and SN2007bi in a low metallicity dwarf
galaxy about 1% the size of the milky way (see [9] for details), which seems to be a PCSN. One implications of such
a discovery is that very massive stars are formed in the local universe in dwarf galaxies.

2 Summary of stellar structure equations

The results described above can only be understood by calculating the stellar structure and evolution with the aids
of the stellar structure equations. The equations described below are written in spherical symmetry using Lagrangian
coordinates, where the independent coordinates are the mass inside the radius r (Mr) and the time (t). The dependent
variables are the velocity (u), pressure (p), temperature (T ), density (ρ), and luminosity (L).

2.1 Momentum equation (gravitational interaction)

The momentum equation can be written (see [10]) as

∂u

∂t
= −4πr2 ∂p

∂Mr
− GMr

r2
. (1)

If the acceleration on the left-hand side of this equation is zero, then one deals with hydrostatic equilibrium, where
the pressure gradient balances gravity. If the pressure gradient is zero, then one can derive a free fall time scale, which
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can obtained as (see [10])

τff = 1.6 × 103

(
M

M�

)−1/2 (
R

R�

)3/2

s. (2)

To appreciate this equation, τff = 27min for the Sun, but about 4.5 s for a white dwarf of a mass 1.0M� and a radius
0.02R�. Thus, with this time scale no star can evolve to achieve hydrostatic equilibrium.

2.2 Velocity equation
∂r

∂t
= u. (3)

This equation describes the distribution of the velocity in the stellar model.

2.3 Mass conservation
∂r

∂Mr
=

1
4πr2ρ

. (4)

This equation is a form of continuity equation, if it is integrated over dr, it gives the mass with a radius r from the
center.

2.4 Energy equation (strong, weak and electromagnetic interactions)
∂L

∂Mr
= (εnuc − εν) +

p

ρ2

∂ρ

∂t
− ∂ε

∂t
. (5)

This equation is an expression of the energy conservation controlling the change of the luminosity distribution across
the stellar model as determined by energy transport (usually radiative or convective), by the nuclear energy generation
(εnuc) in [erg/g · s] due to the thermonuclear reactions occurring in the interior of the star, and by the energy losses
due to diverse neutrino processes which become effective after the core-helium-burning phase (see text by [10]) and
stream out of the star. The third and forth terms in eq. (5) represent the work due to contraction or expansion and
the rate of change with time of the internal energy. These two term describes the gravitational energy term (εg being
positive in case of contraction or negative in case of expansion). Note that these two terms balance each other in the
case the thermal equilibrium.

Since a star must emit radiation an equation of energy transport must be added to the above equations (see eq. (7)).
One can estimate the so-called Kelvin-Helmholtz time scale (τKH), which characterizes the relaxation time needed for
a star to return to thermal equilibrium. By simply comparing (see [10]) the average potential energy of the star to the
luminosity, one finds

τKH ≈ 2 × 107

(
M

M�

)
years. (6)

Applying this time scale to the Sun gives τKH = 2 × 107 years, which is extremely shorter than the lifetime of the
Sun. We will see this below when the nuclear time scale is introduced. Since a star must emit radiation an equation
of energy transport must be added to the above equations.

2.5 Energy transport equation
∂T

∂Mr
= −GMrT

4πr4P
∇. (7)

In this equation ∇ ≡ d ln T
d ln p is either the radiative gradient or the convective gradient depending on the characteristic

of the stellar layer. If the interior stellar layer is radiative, then radiative energy transfer is described as a diffusion
process, and the temperature gradient in eq. (7) is given by

∇ ≡ ∇rad =
3

16acπGMr

κLrP

T 4
. (8)

In this equation, κ is the Rosselland mean opacities, which can be obtained from the extended calculations in [11].
In the case of a convective stellar layer, the determination of the temperature gradient is more complex than in

case of radiative transfer. Convective instability in local approximation is determined according to the Schwarzschild
criterion for convective instability, which is a dynamical instability meaning that a convective mass element moves
essentially adiabatically between two layers. This is expressed mathematically (see [10] for details) as ∇rad < ∇ad
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for stability against convection, where ∇rad is given in eq. (8). The adiabatic temperature gradient is defined as
∇ad ≡ (∂ ln T

∂ ln p )s, taken at constant entropy, since for adiabatic change the entropy remains constant. Then using the
first law of thermodynamics with ds = 0, yields ∇ad = Pδ

TρcP
, where δ ≡ −( ∂ ln ρ

∂ ln T )p, a quantity that can be determined
by a given equation of state P = P (ρ, T ). The temperature gradient is close to the adiabatic gradient only in the deep
inferior of the star. The atmospheric layers are superadiabatic. The common way used in stellar evolution is to use
the mixing length theory (MLT) to obtain the temperature gradient. A complete discussion of this approach is given
in the text by [10].

A difficult problem arises in the treatment of convection in the context of the local approximation. This concerns
the determination of the border of a convective region according to the Schwarzschild criterion. Convective elements
may overshoot the boundary as determined by this criterion. Several works deal with this issue [12–14]. The essential
point is that overshooting depends on the convective velocity, which is proportional to (∇rad − ∇ad) and can be
obtained from the MLT (see [10]). At the boundary, this difference approaches zero but convective elements may still
penetrate into the radiative zone leading to extra mixing without influencing the energy transport. This extra mixing
will not be complete, because acting against buoyancy and viscosity, rather it would be exponentially decaying. In the
treatment by [13], mixing is accomplished by solving a diffusion equation, where a diffusion coefficient is adopted as
suggested by hydrodynamical calculations according to [15] and is given as

D = D0 exp
(
− δr

βHp

)
. (9)

Here, D0 is the diffusion coefficient at the boundary as determined by the Schwarzschild criterion, δr = r − r0 the
distance from this boundary extended in terms of the pressure scale height (Hp) with β being a free parameter which
determines the efficiency of the extra mixing into the radiative layers. Unfortunately, there is no general way to fix
this parameter and it is not the same for different convective-radiative borders. To get a feeling for its value, we quote
the value β ∼ 0.1 used by [12] to obtain a maximum extension of the 13C-profile (or pocket) in thermaly pulsating
AGB stars.

2.6 Nuclear transmutation

The thermonuclear reactions occurring in stellar interiors are responsible for the evolution of stars and they essentially
determine their lifetimes. The change of nuclear species may be described as follows:

dYi

dt
=

∑
j

N i
jλjYj +

∑
j,k

N i
j,kρNA〈σv〉j,kYjYk +

∑
j,k,l

N i
j,kρ2N2

A〈σv〉j,k,lYjYkYl. (10)

In this equation, the abundance is denoted by Yi = Xi

Ai
(mass fraction over mass number), where N i

j = Ni, when
the process of weak interaction or that of photodisintegrations are involved. However, N i

j,k = Ni/(Nj !Nk!) for two-
body reactions, and N i

j,k,l = Ni/(Nj !Nk!Nl!) for three-body reactions. The fractorials are required to avoid double
counting in the case of identical poarticles, such as the p + p reaction or the triple-alpha reaction. Note that λj in the
above equation represents the rate of weak interaction or photodisintegration, while the terms NA〈σv〉 is a Maxwellian
average cross sections.

The nuclear time scale can be obtained by τnuc = Δmc2

L , that is the change of mass divided by the luminosity of
the star. For example, during hydrogen burning by the proton-proton chain in stars of masses ≤ 1.5M� or by the
CNO cycle in higher masses, 41H → 4He is the net outcome of this burning phase. Then one finds (see [10]) that

τnuc < 1.05 × 1011

(
M

M�

) (
L

L�

)−1

years. (11)

Applying this equation to the Sun, we get 1011 years, which is too high, so that about only about 0.1M� is involved
to match the main sequence age of about 1010 years. Comparing all the three time scales we have discussed, the learn
effect is that

τff � τKH � τnuc. (12)

We will demonstrate this crucial inequality in sect. 4.
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3 Solving the stellar structure equations

It is beyond the scope of the present contribution to describe the numerical methods used to solve the above set
of partial differential equations. The basic problem is a combination of an initial value problem with a boundary-
value problem. At each time step, the structure of the star is obtained by matching given boundary conditions. Since
there are five equations as outlined above, five boundary conditions are needed, three at the center (r = 0, L = 0,
u = 0) and two surface boundaries. To define the surface is not easy, because stars have extended atmospheres not in
thermal equilibrium. A common way in stellar evolution is to adopt a blackbody surface with an effective temperature
according the Stefan-Boltzman law, L = 4πR2σT 4

eff . Still, an effective density is to be used at the boundary. The
so-called gray atmosphere (or Eddington approximation) may be used, where an effective density can be obtained
from T 4 = 3

4 (τ +2/3) (see [16]) with the ideal gas equation of state. The effective density can be obtained (see [17]) as


eff =
2μ

3κ�Teff

GM

R2

(
LE − L

LE

)
, (13)

where LE = 4πcGM/κ is the Eddinton luminosity, κ is the Rosseland mean opacity, and μ is the mean molecular
weight. Having assigned the boundary conditions, the equations are transformed into difference equations, using a
variable grid connecting shells (i − 1, i, i + 1, i = 1, N), where the flux quantity like r, u and L are centered at
the grid, others are averaged between the grids. Newton-Raphson Iteration is executed to find the roots of the five
equations. This method is a hydrodynamical scheme implemented by the author and his collaborator when he was at
the observatory of the University of Göttingen/Germany till 1994. This code has received some modifications (see [18]
for details).

4 Stellar evolution

It is not possible to cover the many aspects of stellar evolution in the limited space of the present paper. Examples
are chosen to illustrate some main characteristics of the evolution.

4.1 Comments on the evolution of low and intermediate mass stars

It is Interesting to describe the evolution of low and intermediate stars. The evolution of a 5M� star in the Hertzsprung-
Russell diagram (HRD) is shown in fig. 3. Details of this evolution are as follows.

– Starting at the zero-age main sequence (marked 1), the 5M� star evolves through core-H-burning between the
positions 1 to 3, transforming hydrogen mainly into 4He and some 14N by the CNO cycle. This occurs in a convective
core (see right panel of fig. 3). The star evolves on the nuclear time scale τnuc described above, which is absolutely
the longest due to the largest energy release by H-burning.

– After the end of core-H-burning, the star has no nuclear energy source left. Consequently, gravity takes over leading
to its overall contraction, so that the H-rich layer surrounding the hydrogen-free core (called He-core) achieves the
temperature for the CNO-cycle to be effective. This occurs nearly at position 4. This Shell H-burning inflates the
star, which evolves toward the red giant branch (RGB) beginning at the position 5. During the expansion of the
star’s outer layers, the opacity increases and leads to the formation of a deep convective envelope (see right panel),
which extends to the stellar layers that were processed by the H-burning and this called first dredge up (FDUP),
i.e. mixing to the surface of mainly 4He and 14N. The position 5 marks the ignition of core He-burning, which
proceeds again in a convective core, but now increasing in mass due to the increasing opacity, because lighter
materials lie above heavier ones. Increasing opacity promotes convective instability, so that the convective envelope
is formed between the points 5 to 7 indicating the RGB.

– As the star ascends the RGB, its core keeps contracting until the central temperature of 108 K is reached needed
for He-ignition. Core-He-burning contributes thereafter to the nuclear energy generation rate diminishing the
contribution of the H-burning shell and this leads the luminosity to decrease as seen after point 7. The ensuing
evolution of this star is characterized by the formation of a blue loop (between positions 8 and 9). The star returns
to the RGB to complete the last phase of the core-He-burning (position 10). This leads the inner core being devoted
of He to contact seeking the next nuclear fuel which will be the core carbon burning. While this happen the shell
H-burning leads to the expansion of the outer layer thus to the raising luminosity and causing the envelope to
become convective again penetrating deep enough to lead to a second dredge up (SDUP) mixing up to the surface
elements like 4He, 12C and 14N. This SDUP is rather sensitive to the efficiency of the H-shell source which acts as
entropy barrier in stars of M ≤ 4M� preventing the deep penetration to enable the SDUP.
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Fig. 3. Evolution in the HR diagram (left) and structure evolution of a 5 M� star of initial solar-like initial composition. (Right)
Dark areas are convective regions, others are radiative regions; see text for explanation.

– After position 10 in fig. 3, the star reaches the stage of asymptotic giant branch AGB. This stage initiate the phase
of thermal pulsating after which the stars end up as white dwarfs. The structure of an AGB stars is shown in the
inset of fig. 3 with a core mainly composed C and O surrounded by a He-rich shell, a buffer zone and a H-rich shell.
A large body of works deals with the thermally pulsations on the AGB. It is a very interesting evolutionary
phase of LMS and IMS stars for many reasons. They are the progenitors of white dwarfs, the site of the s-
process nuclosynthesis that produces about half of the heavy elements and their isotopes beyond copper, and they
constitute a challenging task of stellar modelling concerning thermal pulsation. Review articles on AGB stars and
their thermal pulsation leading to the so called third dredge up (TDUP) are given by [19,20] and references therein.
We also mention an interesting review on heavy elements in the early galaxy by [21]. The challenging problem in the
simulation of the TDUP is to follow the penetration of the convective envelope between two pulses into the He/C
region after the power down of the He-flash. The longstanding problem is how to describe correctly the diffusion of
protons into the carbon-rich layers in order to create the right amount of 13C via the 12C(p, γ)13N(β+, ν)13C in order
to understand the neutron source for the main component od the s-process created via the reaction 13C(α, n)16O.
The hydrogen ingestion into He-burning zone in super AGB stars (7–10)M� has been studied by [22].

– What are the reasons behind the formation of such a loop which are formed by all stars in the mass range (4–12)M�?
Figure 4 shows tracks with their loops which lie in the range where the δ-cepheids variable are found. We briefly
describe the physical background of these loops here and refer to more detailed discussion in [10, 23, 24]. Various
aspects of stellar evolution are involved in the formation of these loops. They may be summarized as follows.

– A major effect on the formation of the blue loops is the efficiency of shell H-burning. A key role plays the reaction
rate of 14N(p, γ)15O which controls the energy generation rate of the CNO cycle operating in the shell-H-burning
in IMS. This is illustrated in fig. 4, where the tracks shown in the right panel are obtained with a lower 14N-
rate leading to remarkable suppression of the loop extension in the mass range (5–7)M�. Details about these
calculations are given in [23]. One sees that the behavior of the loops is sensitive to the star’s mass as well.

– Another point has been already mentioned in the text by [10] is that the efficiency of the H-shell source depends
on how the hydrogen profile is processed. Clearly, envelope convective mixing plays important role in determining
the H-profile. This is illustrated with the help of fig. 5 (see details by [23]), which shows the evolution of a 6M�
star during core helium-burning and loop formation. Note that the whole evolutionary track of this star is shown
in fig. 4. The interpretation of this figure is as follows.



Page 8 of 10 Eur. Phys. J. Plus (2018) 133: 372

Fig. 4. Evolutionary tracks of intermediate-mass stars of solar-like intimal composition. The only difference between the tracks
in the left panel and those in the right panel is using different rate for the reaction 14N(p, γ)15O controlling the energy generation
rate in the CNO cycle. Note that the lower rate used to obtain the tracks in the right panel led to remarkable reduction of the
loop extension in the mass range (5–7) M�, see text.

Fig. 5. Evolution of a 6M� star described showing snapshots of the hydrogen profile and the energy generation rates due to
shall-H-burning together with the central He-burning. These figures illustrate what happens during the blue loop formation,
see text for details.

The evolution during the stages 1 to 3 in the left panel correspond to those in the adjacent figure, showing the variation
of the luminosity, Lstar, LH, and LHe, which are integrated quantities. It is seen that LH supplies the major part of the
star’s luminosity, except toward the late phase of core He-burning after (point 3). However, LH decreases gradually
between points 1 and 2, because the H-shell source has processed part of the H-profile as seen in the figure on the right,
corresponding to the stages between 1 to 3. After position 2, a remarkable increase of the H-shell source is noticeable
and this enforcing of the shell burning is due to the merging of the H-shell source with the H-profile (see snapshot at
right bottom)). The enforced H-shell burning is concurrent with the loop formation. This discussion shows that the
formation and extension of blue loops are rather sensitive to the efficiency of the shell H-burning, but in a subtle way,
since this burning depends on the 14N(p, γ)-rate and how deep the convective envelope penetrates into the layers of
shell-H-burning. The treatment of the penetration of the convective envelope is essential as described in [23] and [25].
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Fig. 6. Change of internal structure as a function of time of a 25 M� star of initial solar-like composition: the left panel is
referred to as 25N, the right panel as is referred to as 25K. The stars are evolved from the main sequence till shell-oxygen
burning. Dark areas represent convective regions. The x-axis is a logarithmic scale for the lifetime, where tf is the time of the
last calculated stellar model, see text.

4.2 Comments on the evolution of massive stars

The evolution of massive stars is another complex task in astrophysics. Their presupernova evolution is complicated
as well as the description of their final stages which may lead to supernova explosion or black-hole formation. We pick
up an interesting case focusing on the evolution of a massive star of 25M� through the core carbon and shell-carbon-
burning phase. We link this discussion to the role of the reaction 12C(α, γ)16O. A long review article was recently
devoted to this relation, which is challenging from the nuclear physics point of view (see [26]). Here we illustrate
the importance of this reaction in case of massive star evolution. Figure 6 shows the evolution of a 25M� star of a
solar-like initial composition. In this calculation according to [18] two different rates have been used. The results shown
in the right panel of fig. 6 were obtained using the rate according to [27] (sequence 25K), the rates used to obtain the
results shown in the lift panel are based on the rate presented by the NACRE collaboration [28] (sequence 25N). The
NACRE rate is higher in the temperature range of core-He-burning (0.13–0.40) × 109 K. Interesting implications are
found when comparing these two rates.

a) As a result of core He-burning, central carbon mass fraction is X(12C) = 0.24 in 25K, but 0.28 in 25N. The lower
value in 25N is due to the higher rate of 12C(α, γ)16O in 25N which becomes effective during the late phase of core
He-burning. The implication of this difference appears at the onset of core carbon burning, where in the case of 25K
a convective core forms with a mass of 0.47M�, while in case 25N this mass is 0.36M�. The larger core mass in 25K
is related to the different values of the carbon mass fraction resulting at the end of core He-burning. This is because
a larger X(12C) leads to higher and positive effective energy generation rate εeff = (εnuc − εν) appearing in eq. (5).
This result is along the finding by [29] for a 25M� star, who have used two different rates for the 12C(α, γ)16O,
one rate according to [30] and the other rate is according to [31]. In the temperature range of core-He-burning as
mentioned above, the ratio CF85 rate was about factor of 2.7 larger than that of the rate CF88. Consequently,
X(12C) = 0.18 was obtained for the rate Cf85, but 0.42 with the smaller C88-rate. Furthermore, in case of the
higher rate the calculation did not lead to a formation of a convective core at the onset of central-carbon-burning.
In contrast, a convective core was formed with the lower rate.

b) The evolution through the central-C-burning has a strong effect on the ensuing phases, in particular, shell-C-
burning is to be mentioned because it contributes to the weak component of the s-process nucleosynthesis (see [32]
for a recent work). As seen in fig. 6, shell-C-burning exhibits different behavior depending one the characterises
of the previous core burning phase, and proceeds in several episodes seen in the figures. The main reason for that
is related to the shape od the carbon profile as it is formed at central carbon-burning. The conclusion of this
discussion is that the late phases of massive stars are depending on the previous hydrogen- and helium-burning
phases. Realizing that the s-process products are ejected in a supernova explosion only from the core He-burning
and shell C-burning means that a careful treatment of these phases is indispensable.
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5 Concluding remarks

To summarize the main stream of this contribution:

a) Stellar evolution and nucleosynthesis are exciting part of astrophysics. They illustrate that physical laws are
universal. The stars in different generation created for us the elements carbon and beyond. We are made from that
dust.

b) Calculating stellar structure and evolution is a challenging task, not only on numerical bases but also on physical
grounds. The treatment of mixing is one main problem. Future work would eventually be a three dimensional
modelling that helps to justify a local description of convective mixing. Effects of rotation and magnetic field
cannot be ignored.

c) The formation of the elements and the isotopes, from carbon and beyond, is only possible in stars. In particular
the formation of heavy elements beyond iron is astonishing and needs various sites. The s-process requires the
thermal pulsations of the AGB stars and the core He-burning and shell C-burning. The site of the r-process was
thought to be the supernova explosions of massive stars. New observations indicate the neutron star mergers seem
to constitute an essential site of the r-process. A new paper is dealing with this new insight (see [33]).

The author thanks the organizer of the fourth Azarquiel school for supporting his trip and for their great work in offering that
school. He thanks his colleague and friend M. Busso for his assistance in finishing this manuscript.
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